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ABSTRACT

Non-LTE calculations of semiempirical chromospheric models are presented for 30 g Her (M6 III). This
star is one of the coolest (T ; = 3250 K) SRb (semiregular) variable stars and has a mass perhaps as great as 4
M 5. Chromospheric features we have observed in its spectrum include Mg 11 h and k; C ] UV0.01, which is
sensitive to electron density; Mg 1 12852; Ca 11 H, K, and IRT; Ca 1 44227 and 16573; Al ] UV1; and Ha.
We pay special attention to fitting the C 11 intersystem lines and the Mg 1 resonance lines but use all the
other features as constraints to some extent. The equations of radiative transfer and statistical equilibrium are
solved self-consistently for H1, H™, H,, He 1, C1, C 1, Na1, Mg 1, Mg 11, Al 1, Al i, Ca 1, and Ca 11 with the
equivalent two-level technique. To simplify these calculations, a one-dimensional hydrostatic, plane-parallel
atmosphere is assumed.

We investigate 10 separate “classical” chromospheric models, differing most importantly in total mass
column density above the temperature minimum. Synthetic spectra from these models fit some but not all of
the observations. These comparisons are discussed in detail. However, we find that no single-component clas-
sical model in hydrostatic equilibrium is able to reproduce both the Mg 1 line profiles and the relative
strengths of the C 11] lines. In all these models, chromospheric emission features are formed relatively close to
the star (<$0.05R,). The circumstellar environment has a thick, cool component overlying the Mg 11 emission
region, which is relatively static and very turbulent. Finally, we find that thermalization in the Mg 1 h and k
lines in the coolest giant stars is controlled by continuum absorption from Ca 1 4p *P° bound-free opacity and
not collisional de-excitation as is the case for warmer K giants.

Subject headings: stars: chromospheres — stars: individual (30 Herculis) — stars: late-type

1. INTRODUCTION

In contrast to photospheres, stellar chromospheres are
regions where the temperature increases with height, attaining
values in the range T,;; < T < 10,000 K as the result of mecha-
nical heating. Knowledge of the source of this mechanical
heating in most stars is still preliminary in nature, but it is
generally agreed that the heating probably depends on mag-
netic fields in main-sequence stars and giants earlier than ~K2
(e.g., Rutten 1987), while for cooler giants and supergiants, it
may be accomplished by nonmagnetic processes (Middelkoop
1982; Schrijver 1987), for instance by long-period (perhaps in
conjunction with short-period) acoustic waves (e.g., Bowen
1988; Cuntz & Stencel 1991 ; Ulmschneider 1991).

The chromospheres of cool stars reveal themselves through
emission features of singly ionized and neutral metals in the
violet and ultraviolet—especially the resonance lines of Mg 11
and Ca 1. Mg 11 h and k show chromospheric emission to a
greater degree than Ca 11 H and K because the higher abun-
dance of ionized magnesium ensures a higher excitation rate,
and because there is less photospheric continuum at the wave-
length of Mg 11 than at Ca 11 in cool stars. Many lines of other

! Visiting Astronomer, National Solar Observatory, operated by the
Association of Universities for Research in Astronomy, Inc., under cooperative
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the National Aeronautics and Space Administration.

common chemical elements are detected, too, although these
tend to be weaker because of lower abundances (e.g., Al 1),
unfavorable excitation potentials (e.g., Si 1), or complicated
spectra which spread the emission over many lines (e.g., Fe 1).
Of particular importance is the C 1] UV0.01 intersystem multi-
plet, whose line ratios are sensitive to electron density (Stencel
et al. 1981), and the optically thin Al 1] line at 12669. Repre-
sentative ultraviolet spectra of cool giants are given by Ayres et
al. (1986) for « Boo (K1 III), Eaton & Johnson (1988) for
several M giants, and Carpenter et al. (1988) for y Cru (M3 III).
Studies to determine the mechanisms responsible for heating
chromospheres are helped considerably with a detailed know-
ledge of the atmospheric structure of these layers. Two tech-
niques have been used extensively in the past to estimate
chromospheric conditions: (1) the empirical method, which
estimates global characteristics of a chromosphere (e.g., Stencel
et al. 1981; Brown & Carpenter 1984; Judge 1986a, b; Eaton &
Johnson 1988), and (2) the semiempirical method, which
attempts to constrain a model by fitting observed line strengths
and profiles. Judge (1990) has argued that empirical techniques
are often invalid because of the large range of column mass
over which crucial chromospheric lines are formed. Should the
lines in question be formed at slightly different depths, hence
different densities and temperatures, it rapidly becomes unclear
just what the global measures of physical properties represent.
The semiempirical technique leads to a detailed model of the
atmospheric structure. In this procedure, a chromospheric
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temperature-density stratification is attached to a radiative-
equilibrium photospheric model appropriate for the star. The
radiative transfer and statistical equilibrium equations are
solved in a self-consistent way, and theoretical spectra are cal-
culated. Such spectra are then compared with observations,
and the differences between the two are used to decide how the
model must be changed to fit the observations better. The
chromospheric model is thus altered, and subsequent calcu-
lations made, until the synthetic spectra agree with the
observed spectra. This technique has been applied to a few cool
oxygen-rich giant stars. The coolest star of this type for which
it has been used successfully is « Tau (Kelch et al. 1978), spec-
tral type KS. Basri, Linsky, & Eriksson (1981) attempted to
derive a model for the M2 supergiant o Ori with limited
success, and, although not exactly semiempirically, Hartmann
& Avrett (1984) also modeled the chromosphere of a Ori by
adjusting the heating rate of hypothetical Alfvén waves until
the chromospheric temperature structure could reproduce the
observed spectrum of the Mg 11 resonance lines. TX Psc, an NO
irregular-variable carbon star, is the coolest giant for which a
chromospheric model has been determined semiempirically
(Luttermoser 1988; Luttermoser et al. 1989). Luttermoser &
Johnson (1992) have recently discussed non-LTE (NLTE)
effects in the ionization and excitation of hydrogen and helium
in these very cool giant stars.

This paper represents the first attempt to form a detailed
semiempirical model of the chromospheric structure of a cool
(T < 3500 K), oxygen-rich giant star—specifically, g Her
(M6 III). Such stars represent fertile new ground for chromo-
spheric models in that the electron density and heating mecha-
nisms may well be different than in warmer stars. In fact, line
ratios within the C 11] intersystem multiplets in g Her and 2
Cen both indicate electron densities about an order of magni-
tude lower than in K giants (Eaton & Johnson 1988). Such cool
stars are usually variable, and pulsations are thought to con-
tribute to heating the chromospheric gas (e.g., Bowen 1988;
Cuntz & Stencel 1991; Eaton, Johnson, & Cadmus 1990).
Indeed, it has been suggested that the structure of cool M
giants may be quite different than that of K and warm M
giants, with weaker chromospheres, much lower ionization of
all elements, and extensive circumstellar dust formation
(Stencel, Carpenter, & Hagen 1986). The mechanism of
chromospheric heating, uncertain at present, may also be dif-
ferent in these cooler giants (Ulmschneider 1991; Dupree 1991;
Cuntz & Stencel 1991).

Section 2 of this paper discusses the observations used for
comparison with our theoretical models. Unlike the TX Psc
model, which was based on fitting the noisy profile of only the
Mg 11 h line and the integrated flux of C 11] UVO0.01, our model
of g Her is derived from a multitude of high-resolution line
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profiles in the ultraviolet, optical, and infrared regions. Section
3 describes the procedure used in the NLTE calculations and
applies them to g Her, while § 4 discusses the implications of
the resulting model. We conclude the paper with § 5 by pre-
senting the problems encountered with the modeling and sum-
marizing possible solutions to the discrepancies between the
synthetic and observed spectra.

2. OBSERVATIONS

The star 30 g Her (M6 III) is a semiregular (SRb) variable
with V = 5.04 (B—V = 1.52, U—B = 1.17). Ultraviolet fluxes
are barely bright enough for high-resolution, long-wavelength
spectra with IUE, since the star is very inactive. The period of
the star is listed as 89 days in the General Catalog of Variable
Stars (Kukarkin et al. 1976), and robotic photometry over the
last 6 yr shows changes in visual magnitude of ~0.3 mag on a
period of roughly this length superposed on slower variations
of close to 1.0 mag in V (Henry & Baliunas 1992). The visual
spectrum is dominated by the typical TiO bands characterizing
the M spectral type, but, unlike Mira variables, the star has
never been reported to produce perceptible hydrogen-line
emission at any phase. Its metallicity seems to be roughly solar,
although carbon is depleted ty a factor of 2 with respect to iron
(Smith & Lambert 1985). It has been suggested (Smith &
Lambert 1985; Judge & Stencel 1991) that g Her is an AGB
(asymptotic giant branch) star from its position in the H-R
diagram, a possible slight enhancement of s-process elements,
and its IRAS colors (i.e., AGB stars show evidence for dust;
indeed, the IRAS LRS Spectral Atlas (Olnon & Raimond 1986)
shows g Her to have weak dust features).

The semiempirical models described here are constrained by
two high-resolution IUE spectra recording the line profiles of

“the C 1] UV0.01 intersystem lines near 2325 A, the Mg i1 h and

k lines near 2800 A, and the Mg 1 resonance line at 2852 A. We
have also used the overall appearance of an observed low-
dispersion IUE spectrum to help constrain the angular size of
the star from comparisons to the synthetic spectra. Table 1 lists
the properties of the spectra used. The IUE data were reduced
with the standard IUESPS software at NASA’s Goddard
Space Flight Center; we have calibrated them with the cali-
brations of Cassatella & Harris (1983) and Cassatella, Ponz, &
Selvelli (1983). The integrated multiplet fluxes in these spectra
were 6.6, 2.4, 71.8, and 2.5 x 1073 ergs s™! cm~2 for C 1]
UV0.01, Al 1] UV1, Mg 1 UV1, and Mg 1 UV1, respectively.
The k/h ratio for Mg 1 is 1.43, rather typical for K and M
giants (Stencel et al. 1980). We have used LWP 13442 for the
Mg 1 lines, since they were saturated in LWP 13443, and LWP
13443 for the weaker features, C 1], Mg 1, and Al 1. Table 2
gives some useful measurements of the spectra. For the obser-
vations, we have listed integrated flux at the Earth in the Mg 1

TABLE 1
SUMMARY OF g HER CULIS OBSERVATIONS
Date Camera Resolving Exposure
Wavelengths (U.T) Telescope Sequenge Power /AL Time (minutes)
2500-3200 A.......... 1988 June 16 IUE LWP 13441 500 5
2500-2900 A........... 1988 June 16 IUVE LWP 13442 10,000 40
2300-3100 A......... 1988 June 17 IUE LWP 13443 10,000 880
3922-3975A......... 1989 Aug 13 McMath SCCD 530 21,000 150
8488-8590 A......... 1989 Aug 14 McMath SCCD 547 23,000
4181-4248 A......... 1989 Aug 27 McMath SCCD 538 21,000
6540-6600 A ......... 1992 Apr 20 McMath- SCCD 517 45,000
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TABLE 2
INTEGRATED FLUXES IN EMISSION LINES®

Line Observed® T2 T3 T4 TS Té6 T7 T8 T9 T10
Mguhandk..... 7.2E — 12 896. 713. 6.96E3 1.3E5 5.89E6 7.2E4 8.05E3 1.99E4
CunA2324......... 1.1IE — 13 2.61 9.99 33.2 45.0 306. 7.86E4 292. 39.9 152.
CmA2325......... 31E - 13 4.75 419 182. 240. 1.58E3 1.60ES5 1.60E3 215. 879.
CnA2327......... 1.6E — 13 3.65 229 88.3 124. 637. 6.37E4 664. 112. 423.
CmA2328......... 8.6E — 14 2.69 10.3 34.5 46.8 318. 8.04E4 302. 41.5 158.

Line Ratios®

Cn/Mgm ......... 0.092 ... 1.02 0.498 0.068 0.069 0.067 0.039 0.053 0.084
Aln/Mgm ........ 0.033 d 4 4 4 0.024 0.021 0.025 0.023 0.034
Mgu(k/h) ........ 143 1.94 3.46 1.83 1.79 1.49 1.83 1.88 1.79
Mgi/Mgn ....... 0.035 ... .. ... 0.045 0.023 0.050 0.028 0.038 0.029
Cal/Hat.......... 1.12 0.017 0.017 0.017 0.041 d 12. 0.059 0.031 0.72

® Integrated fluxes in ergs s~ * cm ™2, An absorption line is indicated with ellipses (note that all the lines for model T1 were in absorption). Also note that
all fluxes for T1 through T4 are determined under the assumption of CRD. For T5-T10, resonance line fluxes are calculated with PRD.

® Divide this column by (5.876 x 10~ '®)aZ, where «, is the angular diameter of the star in milliarsec, to convert observed fluxes to model fluxes.

°Cu]=Cun]UV001;Mgu=Mgnhandk;Can=CanHandK;Cai1= Ca146573.

4 Line not calculated for this model.

° Ratio between the line center fluxes of these absorption lines. For model T10, this ratio gives 0.052 (no Kurucz opacities), 0.48 (Kurucz opacities

included), and 0.72 (Kurucz + McMath convolution).

h and k lines, the flux at the Earth in the lines of the C 11
intersystem multiplet, and the ratios of fluxes in other emission
lines to Mg 1. The emission-line fluxes for the resonance tran-
sitions listed represent the chromospheric portion of the line
(i.e., the “emission cores ”). For the theoretical models, we give
astrophysical flux at the star, along with the same ratios.

We have supplemented the IUE spectra with ground-based
data obtained with the McMath telescope on Kitt Peak,
Arizona. The main features observed were the Ca 11 lines (K
and H at 3934 A and 3968 A, respectively, and the two IR
triplet lines at 8490 A and 8600 A). Ca 1 14227 was observed at
roughly the same time as well, and we have since added a
spectrum at Ha. The spectra were placed on a heliocentric
wavelength scale determined from observations of a cali-
bration lamp, and calibrated with respect to the flux-reference
star € Aqr. The wavelength scale is accurate to +2 km s~ 1.
Uncertainties in the flux calibration range between 10% and
25%. The theoretical signal-to-noise ratio (S/N) of the TI-4
chip (Jaksha 1989) is approximately 70 in the cores of the Ca 11
resonance lines and-150 at peak flux levels in this spectral
region, while S/N is 100 in the cores of the IR triplet and 150 at
peak flux levels. Table 1 summarizes these ground-based
observations which were reduced with standard techniques
using software developed by the authors (e.g., Luttermoser
1993). The only prominent feature of hydrogen that we have
been able to observe is Ha. The region of Ha is full of molecu-
lar lines, but Ha has the shape and strength typical of M5-M6
giants, and Ca 1 16573 is also similar to other M5-M6 giants
we have observed.

Perhaps the most uncertain observational characteristic of g
Her is its angular diameter, which sets the scale of observed
flux at the star. Neither the distance nor the stellar radius is
accurately known, and the star cannot be analyzed by lunar
occultation. In a compilation of characteristics of AGB stars,
Judge & Stencel (1991) list g Her as lying at a distance of 250
pc, and having a radius of 630 Ry, a mass of 4.0 M, log
g = —0.6, an effective temperature of 3250 K, and an angular
diameter of 23.7 milliarcsec (mas). These values are quite con-
ventional. Smith & Lambert (1985), for instance, give the same
values of mass and effective temperature, although their

gravity is much higher. Scargle & Strecker (1979) derived an
angular diameter of 18.4 mas from a comparison between
observed infrared fluxes and synthetic fluxes from a grid of
late-type giant star fluxes published by Johnson (1974). This
angular size is suspect however, since molecular opacities used
in the models of Johnson (1974) were calculated with straight
means, which will greatly reduce the flux in the frequency band
where the straight mean is used. Indeed, Scargle & Strecker
(1979) deduce an effective temperature for g Her of 3450 K,
which is 200 K larger than the value determined by Smith &
Lambert (1985). Scargle & Strecker also deduce an interstellar
reddening to g Her of E(B—V) = 0.53, which we feel is too
high for an M6 star whose color is B—V = 1.52. We suspect
such a high value arose from errors introduced by their flux-
comparison technique.

Figure 1 compares a synthetic spectrum generated with
PANDORA for a purely photospheric model representative of
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F1G. 1.—A comparison between the low-resolution IUE spectrum of g Her
(LWP 13441) and a PANDORA synthetic spectrum of a “ pure ” photospheric
model representative of g Her. The best fit is obtained when the synthetic
spectrum is scaled to an angular diameter of 28.0 mas.
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g Her with the “continuum” flux in a low-resolution IUE
spectrum. The synthetic flux uses a compilation of bound-
bound opacities described by Avrett, Machado, & Loeser
(1986) which are based upon the line list of Kurucz & Peytre-
mann (1975). It has been noted by Malagnini et al. (1992) that
synthetic spectra based upon these older Kurucz line data
reproduce the ultraviolet flux of cool stars better than the
recent Kurucz line data. As a further check of the angular size
of g Her, we altered the synthetic flux scale factor of our photo-
spheric model until a best fit was obtained via a minimization
of the residuals between the observed and synthetic fluxes. This
fit gives an angular diameter of 28.0 mas and we have used this
scale factor for our first attempts at fitting the profiles. Finally,
all synthetic spectra are shifted in wavelength by the photo-
spheric radial velocity of 3 km s~ ! (Hoffleit 1982) for compari-
son with observations.

3. RADIATIVE TRANSFER CALCULATIONS

In constructing the chromospheric models, we followed the
technique described by Luttermoser et al. (1989). First we
obtain the plane-parallel, radiative-equilibrium model photo-
sphere from the “Indiana-grid” of atmospheres with the
closest match to the characteristics of g Her. For this study, we
selected a model with solar abundance, T, = 3200 K, and
g = 1 cm s~ 2 from Brown et al. (1989). Since this photospheric
model extends up only to a column mass m of 6.4 x 1072 g
cm ™2, where the resonance lines of interest would still be very
optically thick, we first extend the model out to a column mass
of approximately 10~ g cm~2 (see Luttermoser & Johnson
1992). Note here that we did not reconverge this extended
photospheric model under the assumption of radiative equi-
librium; we merely extrapolated the temperature-density gra-
dient from the top of the published model. A synthetic
spectrum calculated for this model was then used to set the flux
scale factor between the observed and synthetic spectra, hence
angular size of the star (see Fig. 1). We then increased the
temperature as a function of height at an arbitrary depth in this
extended photosphere to simulate a chromosphere. For all
these calculations, we initially assumed a low microturbulent
velocity of 3 km s~ ! throughout the atmosphere, roughly the
photospheric value (Smith & Lambert 1985; Tsuji 1991).

Because the ionization and excitation in chromospheric
gases may depart wildly from the predictions of LTE (local
thermodynamic equilibrium), a self-consistent solution to the
coupled equations of statistical equilibrium and radiative
transfer are required for a model atom of the species to be
considered. These calculations were performed with the radi-
ative transfer code PANDORA (e.g., Vernazza, Avrett, &
Loeser 1973 [VAL I], 1978 [VAL II], 1981 [VAL III]; Avrett
& Loeser 1992) in a horizontally homogeneous, plane-parallel
geometry. Under these assumptions, the radiative transfer
equation is written as

d,
ﬂd_‘rv_l"_s"’ (1)

where parameters above have their usual meaning, and the
quantities shown include all processes (continuum and line)
taking place at that frequency. Statistical equilibrium is formu-
lated as

N N
noy (Pj+P)= Y @mP;+nPy), (V)]
J=1(#i) Jj=1(#i)
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and

N N
nx.z Pxi = z niPix ’ (3)

where n; represents the number density in bound level i (up to a
maximum of N levels in the representative atomic model), n,
represents the continuum (i.e., ion) number density, and P rep-
resents the total transition rate (radiative R plus collisional C)
between the respective states. Equations (1)—(3) are solved iter-
atively with the equivalent two-level approach. With this
method, emission and absorption of photons in a line are
expressed in terms of a net radiative bracket p;; defined by the
net radiative rate equation

njAjpi=n{A; + B;J;) —nB;J; , @)

where Aj;, B;;, and B;; are the Einstein coefficients for sponta-
neous emission, stimulated emission, and absorption respec-
tively, and J is the total mean intensity integrated over the
normalized absorption coefficient in the ji transition. It can be
shown that the line source function can be written as

N o
o (gilgNniny) — 17

and the net radiative bracket as

J.
—1_2i
pu=1-5 ©
where g represents the statistical weight of the level.

We assume that the pressure is described by the equation of
hydrostatic equilibrium and total particle density by the ideal
gas law. Since the equations and techniques used in
PANDORA are well documented in VAL I, II, ITI, and Avrett
& Loeser (1992), and the specific techniques used here are
described in Luttermoser et al. (1989) and Luttermoser &
Johnson (1992), we shall present only relevant additions that
are used in this work. For each chromospheric model, we iter-
atively solve the equations mentioned above for the following
atomic models: H 1 (3-level), He 1 (5-level), C 1 (10-level), C 1 (7-
level), Na 1 (8-level), Mg 1 (7-level), Mg 11 (6-level), Al 1 (6-level),
Al 11 (3-level), Ca 1 (8-level), and Ca 11 (5-level). All other species
are handled in LTE. All of these atomic models except Al 1 and
Al 11 have been described in the references listed above. The six
levels included in the Al 1 model are: (1) 3p2P°, (2) 4s2S, (3)
3p24P, (4) 3d2D, (5) 4p2P°, and an autoionization state (6)
3p22S, and four radiative bound-bound transitions: 2-1
(43944.0), 4-1 (13082.2), 5-2 (413123.4), and the dielectronic
recombination transition 6-1 (41930.9). The Al n model
includes the following levels: (1) 3s2'S, (2) 3p3P°, and (3)
3piP°, and two radiative bound-bound transitions: 2-1
(42669.2) and 3-1 (A1670.8).

All bound-bound transitions are first assumed to be in com-
plete redistribution (CRD). Upon the convergence of the CRD
runs, we then compute the following lines in partial redistri-
bution (PRD): H 1 Lya, Mg 1 12852, Mg 11 12796, 12803, Ca 1
24227, and Ca 11 43934, 13968. We use the partial coherent
scattering (PCS) approximation for PRD as described Avrett
& Loeser (1984) and include Doppler diffusion in the line wings
via the technique described by Hubeny (1985). Gayley (1992)
has shown that this approximation should be a valid descrip-
tion of PRD in cool, giant-star chromospheres for the Mg 11 h
and k and the Ca 1 H and K lines. Luttermoser & Johnson
(1992) have shown that the Lya line (actually the line wings)
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controls the ionization of hydrogen in this model. PRD effects
in Lya have a significant impact on the hydrogen ionization
and excitation equilibrium in the temperature minimum
region, since the extreme line wings are formed there and
control much of the transfer of the line. The assumption of
PRD in Lya gives a factor of 2 increase in the proton density in
the temperature minimum region as compared to the assump-
tion of CRD. However, hydrogen is a negligible contributor to
the electron density in this region (magnesium electrons
dominate), so the factor of 2 increase of hydrogen electrons
from PRD is insignificant to the structure of the atmosphere.

We calculated the line profiles for 10 separate chromo-
spheric temperature distributions resembling “classical”
chromospheric models—a rapid rise in temperature at the top
of the photosphere followed by a linear increase in temperature
as a function of column mass to some maximum value near
10,000 K at the top of the chromosphere. The temperature
profiles for seven (T1, T3, T5, T6, T7, T8, and T10) of the
representative models are plotted in Figure 2. Properties of all
10 models are given in Table 3. Our first chromosphere (T1)
introduced a temperature rise at T =2119 K and log
m= —123(orz = —1.52 x 107 km, where z increases into the
star, and z = 0 corresponds to t[5000 A] = 1) with a linear
temperature increase with respect to log m up to the top of
the model, where T =12000 K at log m= —139
(z = —1.85 x 10® km). This model was unsatisfactory in that it
produced pure absorption features for Mg 1 UV1, Mg 11 h and
k, Ca 1 H and K, and C 1] UV0.01. We next enhanced the
temperature in the lower chromosphere (—9.34 <log
m< —1.68[gem™2]or —1.02 x 10® <z < —1.70 x 107 km)
by an average of 1000 K (chromosphere T2). The temperature
enhancement at the base of the chromosphere increased the
pressure scale height, which in turn expanded the top of the
chromospheric model out to —2.21 x 108 km. This model pro-
duced weak C 11] features with an integrated flux at Earth of
1.6 x 10™**ergs s~ cm ™2 (for an angular diameter of 28 mas).
Our resonance lines of interest remained pure absorption fea-
tures, however.

We then moved the temperature minimum inward by

127 =
10 —
[ d
o L 4
S
S 8- =
- L B
b~ - 4
5
- - -4
8
¢ 6 -
a, L 4
g
@ L |
= 4
af i
1] S SR |
-15 -10 -5 0

Log Column Mass (gm cm™?)

F1G. 2—Temperature rises of representative chromospheric models. Tem-
perature is displayed as a function of mass column density for models T1, T3,
TS, T6, T7, T8, and T10. Note that model T10 is our final representative,
one-dimensional chromosphere of g Her.
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TABLE 3
CHROMOSPHERIC MODELS CONSIDERED
Model ’Tmina IOg mmin‘ Tkneeb IOg mkneeb ne(C H])c H (km)d
TL......... 2119 —-1.23 1.70 x 108
T2......... 2119 —-1.23 3500 —1.68 29x10° 206 x 108
T3 ......... 2140 —-092 5500 —2.28 9.3 x 10 221 x 108
T4......... 2140 —-092 6200 —2.28 89 x 106 231 x 10®
TS ..., 2156 —0.70 6800 —2.28 1.6 x 107 2.35 x 108
T6 ......... 2264 —0.03 5800 —1.23 9.1 x 10° 1.67 x 108
T7 .cueee... 2426 0.68 6920 —-1.23 12 x10° 2.16 x 108
T8 ......... 2223 —-0.25 6200 —1.68 9.1x107 202x 108
T9 ......... 2156 —0.70 6800 —2.28 14 x 107 245 x 108
T10........ 2156 —-0.70 7000 —2.28 34 x107 223 x 108

® Temperature (in K) and the logarithm of the column mass (in g cm~2) of
the atmospheric position that separates the photosphere from the chromo-
sphere.

® Temperature (in K) and the logarithm of the column mass (in g cm~2) of
the atmospheric position where the chromospheric temperature profile flat-
tens.

¢ Electron density (in cm~3) at the depth of formation of the C 1] UV0.01
features.

4 Thickness of the chromosphere (in km) from the temperature minimum to
the outermost region.

1.2 x 105 km (to log m = —0.92, T = 2140 K) and further
enhanced the lower chromospheric temperature (chromo-
sphere T3). This further increased the C 1] flux and finally
produced emission in the cores of the Mg 11 h and k lines.
Similar, weaker, emission components were seen in Ca 1 H and
K, yet Mg 1 UV1 remained a pure absorption feature. It has
been shown by Luttermoser et al. (1989) that the Mg 1 UV1
emission will form in roughly the same chromospheric region
that produces most of the Mg 11 and C 1] line emission. We
may thus improve the model by identifying the depth at which
the Mg 11 emission features form and increase the temperature
there to give the Mg I emission.

Chromosphere TS5 finally produced an emission feature in
Mg 1 UV, so we use this model to take a detailed look at the
line profiles. Figure 3 displays the Mg 11 lines calculated in
PRD in a static atmosphere and compares them with the IUE
observations. We had to scale the angular size of the model to
18.4 mas for the best fit, well within the uncertainties of the
angular diameter of g Her. The overlying absorption due to
Mn 1 UVI1 and Fe 1 UV3 is obvious on the shortward side of
the k line. Although not prominent in this spectrum, Fe 1 UV3
also hides some of the emission on the longward side of the h
line. One problem with this fit is that the synthetic profiles are
too broad at the base. There are several possible reasons for
this. (1) Our chromosphere may be slightly too hot at the depth
these photons are formed, thereby giving too much emission.
(2) The scheme for caiculating partial redistribution (i.e., PCS
approximation with the Hubeny description of Doppler diffu-
sion in the line wings—depth-dependent PCS) may be inade-
quate. In these models, the base of the emission features of
Mg 11 are formed in the upper photosphere, below the tem-
perature minimum, from photons that have scattered down-
ward from the chromosphere. If photons do not diffuse back
toward line center, as they are assumed to do in the Hubeny
formulation, the escape probability is much higher than
assumed in the wings, and photons are more likely to escape
than to scatter downward. This would produce a narrower
line, without the broad shallow wings. Figure 4 displays depth
of formation information for the “core” (i.e., inner 2 A) of the k
line for u=0.5, which represents the angle where the
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F1G. 3—The Mg 11 k and h lines calculated in PRD in a static atmosphere
(solid) compared with the high-dispersion IUE spectrum LWP 13442 (dashed).
The synthetic flux is scaled to an angular diameter of 18.4 mas and convolved
with a 0.17 A FWHM Gaussian profile representative of the LWP camera at
this dispersion (Evans & Imhoff 1985). The observed spectrum is displayed in
heliocentric wavelength, and the synthetic spectrum has been shifted by +3
km s~*, the photospheric radial velocity of g Her. Note that overlying absorp-
tion from Mn 1(2794.82 A) and Fe 1(2795.01 A, 2803.16 A) corrupts the Mg 11
profiles.

maximum intensity occurs. One can see from this figure imme-
diately that the inner 2 A of the Mg 1 lines form over eight
orders of magnitude in column mass! The emission portion of
the core alone forms over four orders of magnitude in column
mass. The peak flux of these lines originates at a column mass
0f 2.10 x 10~2 gcm 2. By comparing these figures with Figure
3 (the line flux profile) and Figure 2 (the temperature structure),
one can see that the base of the emission originates in the
photosphere just below the temperature minimum region. This
eliminates possibility (1) above.

The analysis of the validity of the depth-dependent form of
PCS depends upon the mechanism that dominates the therma-

2.0 T T T T T T T T T T T T T T T T T T '/ T T
i J ]
151 -
I Mg Il Line p=0.50 ]
F 2795.52 Angstroms 3 :
2 ]
101 .

<

< r ‘
05k -
0ol Ler= = ]
-10 -8 -6 -4 -2 0 2

Log Column Mass (gm cm™)

F1G. 4—The depth of formation, or contribution function, of the Mg u k
line expressed in percentages (5%, 20%, 35%, 50%, and 65%) at u = 0.5. Note
that the extreme portion of the emission feature originates in the upper photo-
sphere from chromospheric photons scattering out to this region of the line
profile (see text).
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lization length at the depth of formation of the emission fea-
tures. The thermalization length of the Mg u k line for
collisional de-excitation at the depth of formation of the peak
flux is approximately a factor of 70 larger than that for contin-
uum absorption. Thus the thermalization in the line wings of
the Mg 11 resonance lines is controlled by continuum processes
(see Hubeny 1985). This results mainly from the strong Ca 1
bound-free opacity from the 4p 3 P° metastable state which sug-
gests that the thermalization properties of the Mg 11 lines in
cool M, §, and N (i.e., carbon) stars are fundamentally different
than the warmer K stars. In contrast to the thermalization
length, Hubeny defines the frequency thermalization length as
the highest frequency into the wing x (in units of Doppler
widths) for which a photon has a substantial chance of becom-
ing frequency-thermalized, i.e., it can suffer a sufficient number
of scatterings to be removed from the wing to the line core
before escaping from the medium. Processes through which it
is lost from the core have different characteristic thermaliza-
tion lengths. If one compares the frequency thermalization
length, neglecting microturbulence for the time being, for the
line scatterings (x;) and the overlapping continuum (x,) at the
depth of formation of the emission peak for the k line, x, = 14
and x, = 7 Doppler widths. As such, the continuum processes
dominate in the “emission wings” and Doppler diffusion is
negligible there (see Hubeny 1985 for further discussion). The
depth-independent PCS formalism should then reproduce the
redistribution function better than the depth-dependent for-
malism. We shall test this later in the paper.

Figure 5 displays a comparison between the synthetic and
observed spectra in the C 1] UV0.01 spectral region. Note that
the angular size of the model had to be scaled down to 8.8 mas
to achieve the fit with model T5. This is equivalent to reducing
the abundance of carbon relative to magnesium by a factor of
4, while the measured abundances (Smith & Lambert 1985)
suggest the carbon should be merely halved. It is clear from this
comparison that the calculated spectrum is wrong in other
ways as well. The lines near 2324.7 and 2328.2 A are relatively
much weaker in the synthetic spectrum than in the observa-
tion. Stencel et al. (1981) and Lennon et al. (1985) have shown

0.8

0.6

0.4

Flux (107 erg/s/cm?/A)

| YIS KT ST S S ST S SR
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| L AL B B B B B B B

7

T
>
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2322

2326
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F1G. 5—Synthetic (solid) and observed (dashed) spectra compared in the
C 1] UVO0.01 spectral region. The synthetic flux, convolved with a Gaussian
with a FWHM of 0.13 A (Evans & Imhoff 1985), is scaled to 8.8 mas to achieve
the best fit to the 12325.40 line, which is equivalent to reducing the carbon
abundance by a factor of 4.
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that the line flux ratios of the intersystem multiplet are strongly
sensitive to electron density over a range of 107 < n, < 10°
cm 3. These discrepancies in the line ratios are consistent with
an error in density. In this model the electron density at the
depth of formation of the C 1] lines is 1.6 x 10”7 cm~3. The
observed ratio of the 12324.69 line to the 42326.93 line (the R,
ratio of Lennon et al) indicates it should be n, ~ 4 x 108
cm ™3, This is lower than the densities deduced for K giants,
and the observed line ratios reflect it. Although the 12326.93
line is blended with Fe m UV3 at 2327.39 A in some of the K
giants, this Fe 11 feature seems to weaken in the M stars and is
probably unimportant in g Her, where the separation of line
centers is as great as the breadth of the C 1] lines, yet no
feature is obvious at the rest wavelength of Fe 11. In a similar
way, the C 1] line at 2328.12 A would be blended with Si 1]
A2328.51. Judge, Carpenter, & Harper (1991) have calculated
spectra for a Tau, finding the Si 1] line is only a few percent as
strong as the C 11] line. While these questions of blending add
uncertainty to the derived values of electron density, they are
no worse than those caused by the noise of the spectrum. Even
so, the measured ratios of lines in the C 1] multiplet R; > 3.5,
R, =11, and R; =09, lead to an electron density of 1-
6 x 108 cm 2 on the scale of Lennon et al. (1985) in this region
of the chromosphere. Finally, the synthetic spectrum of C 11]
indicates that the assumption of 3 km s~! may be too low,
since the width of the lines are smaller than the observations
(see also Judge 19864, b; Carpenter et al. 1991).

We next constructed two additional chromospheric struc-
tures, T6 and T7 (see Fig. 2), with which we tried to reproduce
the C 1] flux ratios. To obtain sufficiently high values of elec-
tron density in the emission region with a conventional model,
we were forced to push the chromospheric temperature rise
inward. Indeed, we could match the flux ratios of the C 1]
multiplet more closely with model T7 than with T6 or T5, but
this model’s greater mass and larger optical depth made the
Mg 11 emission lines much too broad (i.e., the Wilson-Bappu or
Weiler-Oegerle effect). More telling, it forced Mg 1 44571 into
emission in T6 as well as in T7, contrary to the observations of
M giants. There was also a problem for Ha, which became a
very broad, deep absorption line in model T7. This simply
means that the optical depth of Ha was too great in the
chromosphere of the more massive models. In fact, if we artifi-
cially increase the electron density to ~2 x 108 cm ™3 through-
out the chromosphere, we get about the right strength of Ha
with the relatively low-mass model T8, but this model is bad
because the emission features in Mg 1and Ca 1 H and K were
much too strong in comparison to the observations.

Given the great discrepancy in electron density and our ina-
bility to account for it by increasing the chromosphere’s depth,
we conclude that it is impossible to reproduce both the Mg 11
and C 11] features (all formed in roughly the same region of the
chromosphere) with a classical one-dimensional, static, hydro-
static atmosphere. Because of the small ratio of atmospheric
thickness to stellar radius at the formation depths of these
emission features (~ 1%), effects of sphericity are expected to
be small. This expectation is borne out by a comparison of the
temperature-pressure structure in our models with those from
a recent grid of models with spherical geometry and OS
(opacity sampling) opacities (Plez, Brett, & Nordlund 1992),
where temperature differences in layers above the region of
continuum emission are generally smaller than 30 K, and even
this slight difference is probably due more to different opacities
than to the plane-parallel assumption. Synthetic spectra (from
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a model with T /log g = 3250/0.01) agree well with the obser-
vations of g Her in the infrared region though the fit is slightly
worse in the visual and ultraviolet regions. We note that the
parameters chosen for g Her by these workers agree well with
the values employed in the present work (3200/0.0).

Under these circumstances, we have chosen to base our best
classical chromosphere on the available resonance features,
with the greatest weight given to Mg 11 h and k. The final model
based on these criteria is T10 (Table 4). This model is quite
similar to T5 and either model could be considered the final
model. In fact, the model atmosphere use for g Her in the
Luttermoser & Johnson (1992) paper was model TS. As in
model TS5, the Mg 11 profiles from the depth-dependent PCS
approximation are too broad at the base of the emission line.
We discovered that the best fit was obtained for depth-
independent PCS with a CRD width xp, of 8 Doppler widths.
This is consistent with the earlier finding that the frequency
thermalization length is controlled by continuum absorption
and is approximately 7 Doppler widths. The same problem
exists for the line ratios of this multiplet as existed for model
T5. Also, the C 1] UVO0.01 lines in model T10 display narrower
lines than are observed for the initial guess of 3 km s~ ! micro-
turbulent velocity in the chromosphere. We carried out a series
of calculations where the microturbulent velocity & is varied
and found the best fit of the C 1] UV0.01 widths resulted with
¢ =20 km s~ ! in the chromosphere. We then went back and
recalculated the Mg 11 profiles with this chromospheric micro-
turbulence, with a depth-independent PCS (8 Doppler widths),
which resulted in enormously broadened emission wings and
self-reversed core due to the increased Doppler width from the
large microturbulence. After trying a variety of micro-
turbulence values at various depths in the chromosphere, we
finally selected £ = 10 km s~ ! at the depth of formation of the
peak flux of the Mg 11 and C 1] emission (m = 2.10 x 1072 g
cm~?) and ¢=15 km s™! at the depth just below
(m =590 x 1072 g cm~2), and let ¢ quickly fall to 2 km s~!
for depths above and below this region. To achieve a good fit
between the Mg 11 synthetic profiles and the observations, we
needed to reduce the value of xzp of the depth-independent
PCS to 3 Doppler widths. Although this CRD width is a factor
of 2 less than the value of x, (continuum frequency thermaliza-
tion length) found earlier, we remind the reader that the earlier
x, estimation ignored microturbulence in the Doppler width
calculation. Since x, scales as Avp /4, an increase in the
Doppler width due to microturbulence will result in a decrease
in x.. Figure 6 shows the resulting Mg 11 profiles for this choice
of the microturbulent velocity and PCS parameter in a static
model. Figure 7 shows the resulting C 1] UVO0.01 profiles. As
can be seen, the widths of the C 1] are still slightly narrower
than the observations. Because the Mg 11 emission and the C 11]
lines are formed at essentially the same depth in the model, we
can find no microturbulent value that is consistent with both of
these features. The values listed above for the microturbulence
are 2-3 times the adiabatic sound speed at the depths assigned
these values, which further indicates that the one-dimensional,
plane-parallel, hydrostatic equilibrium model is not valid for
this star.

We next make a comparison between the observations and
calculations of the Mg 1 resonance line for model T10. As is the
case for Mg 11, the calculated Mg 1 emission profile is too broad
at the base of the feature for the depth-dependent PCS. Fur-
thermore, the Mg 1 emission feature is formed at the same
depth as the Mg 11 features and this line lies even closer to the
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TABLE 4
MOoDEL ATMOSPHERE T10 FOR g HERCULIS

Column Total Hydrogen Electron Proton

Depth Temperature Density Pressure Density Density Density

(km) (K) (gem™?) (dyne cm™?) (cm™3) (cm™?) (cm™?)
—261E+08......... 11270. 6.53E—15 6.53E—15 1.93E-03 2.07E-03 1.93E-03
—245E+08......... 11180. 1.98E—14 1.98E—14 6.03E—03 6.18E—03 6.03E—-03
—207E+08......... 11070. 3.26E—13 3.26E—13 1.02E-01 1.02E-01 1.01E—-01
—1.79E+08......... 10800. 2.5TE—12 2.5TE—12 8.33E—01 8.07E-01 8.05E—01
—143E+08......... 10410. 5.14E-11 5.14E—11 2.06E + 01 1.31E+01 1.31E+01
—1.03E+08......... 10000. 5.38E—09 5.38E—09 3.29E+03 2.74E+02 2.69E + 02
—794E+07......... 9330. 2.00E—-07 2.00E—07 1.38E+05 3.33E+03 3.10E+03
—698E+07......... 8900. 9.99E—07 9.99E —07 7.27E+05 1.32E+04 1.20E+ 04
—6.25E+07......... 8700. 3.50E—06 3.50E—06 2.61E+06 3.77E+04 3.35E+04
—536E+07......... 8400. 1.70E—05 1.70E—05 1.32E+07 1.44E +05 1.23E+05
—447E+07......... 8000. 9.00E—05 9.00E —05 7.35E+07 6.16E + 05 4.99E + 05
—3.63E+07......... 7600. 4.70E—04 4.70E—04 4.04E + 08 2.78E+06 2.14E+06
—293E+07......... 7300. 2.00E-03 2.00E—-03 1.79E + 09 9.67E + 06 6.88E + 06
—248E+07......... 7000. 5.20E—-03 5.20E—03 4.87E+09 2.00E +07 1.27E+07
—1.89E+07......... 6000. 2.10E—02 2.10E—-02 2.30E+10 493E+07 1.64E + 07
—157E+07......... 3600. 5.90E—02 5.90E—02 1.08E+11 4.23E+07 1.57E+07
—1.44E+07......... 2800. 1.10E—01 1.10E—-01 2.59E+11 1.38E+07 1.48E + 06
—135E+07......... 2156. 2.00E—-01 2.00E—-01 6.16E+ 11 1.35E+07 1.43E+04
—1.28E+07......... 2187. 3.40E—-01 3.40E-01 1.03E+12 1.80E+07 5.53E+01
—1.21E+07......... 2223. 5.60E—01 5.60E—01 1.68E+ 12 2.31E+07 1.34E-01
—1.13E+07......... 2264. 9.30E—-01 9.30E - 01 2.73E+12 3.02E+07 4.53E—-03
—1.05E+07......... 2313. 1.60E + 00 1.60E + 00 461E+12 4.22E+07 7.18E—03
—9.74E+06......... 2367. 2.70E + 00 2.70E + 00 7.59E+12 6.07E+ 07 1.52E—-02
—886E+06......... 2426. 4.80E + 00 4.80E + 00 1.32E+13 9.62E +07 4.18E—-02
—794E+06......... 2482, 8.60E + 00 8.60E + 00 231E+13 1.62E + 08 1.20E-01
—7.05E+06......... 2553. 1.50E + 01 1.50E +01 391E+13 2.73E+08 4.48E —01
—6.07E+06......... 2627. 2.70E + 01 2.70E+01 6.84E+13 4.88E + 08 1.67E+00
—5.05E+06......... 2709. 4.90E + 01 4.90E +01 1.20E + 14 8.94E +08 6.91E+ 00
—4.02E+06......... 2799. 8.80E +01 8.80E+ 01 2.09E+14 1.60E +09 3.18E+01
—292E+06......... 2896. 1.60E + 02 1.60E + 02 3.67TE+ 14 3.00E+09 1.58E+02
—193E+06......... 3003. 2.70E +02 2.70E+02 597E+14 S47E+09 8.62E+02
—1.02E+06......... 3123. 4.30E +02 4.30E+02 9.12E+ 14 1.01E+10 5.20E+03
—1.70E+05......... 3240. 6.50E + 02 6.50E + 02 1.33E+15 1.83E+10 3.01E+04
1.88E+05......... 3310. 7.70E + 02 7.70E + 02 1.54E+15 247E+10 6.81E+04
S.50E+05......... 3398. 9.10E+ 02 9.10E+02 L77E+15 3.50E+ 10 1.96E + 05
7.59E+05......... 3478. 1.00E + 03 1.00E +03 1.90E+15 4.54E+10 4.83E+05
1.18E+06......... 3622. 1.20E+03 1.20E+03 2.18E+15 7.39E+10 2.37E+06
1.37E+06......... 3765. 1.30E + 03 1.30E+03 227E+15 1.05E+11 8.20E + 06
1.55E+06......... 3878. 1.40E +03 1.40E + 03 2.38E+15 1.36E+11 2.35E+07
1.90E+06......... 4118. 1.60E + 03 1.60E +03 2.56E+15 2.09E+11 1.91E+08
2.06E+06......... 4243, 1.70E +03 1.70E+03 2.64E+15 246E+11 5.37E+08
2.53E+06......... 4594, 2.00E+03 2.00E+03 287E+15 344E+11 8.19E+09
282E+06......... 4912. 2.20E+03 2.20E+03 295E+15 442E+11 6.31E+10
3.24E+06......... 5256. 2.50E+03 2.50E +03 3.13E+15 7.81E+11 348E+11
3.51E+06......... 5688. 2.70E + 03 2.70E+03 3.12E+15 1.97E+12 148E+12
3.66E+06......... 6321. 2.80E+03 2.80E+03 291E+15 7.35E+12 6.76E+12
3.81E+06......... 6825. 2.90E +03 2.90E+03 2.78E+15 1.88E+13 1.81E+13
396E+06......... 7245. 3.00E+03 3.00E+03 2.69E+15 3.75E+13 3.67E+13
4.12E+06......... 7799. 3.10E+03 3.10E+03 2.54E+15 8.22E+13 8.13E+13
430E+06......... 8143. 3.20E+03 3.20E+03 247E+15 1.27E+14 1.26E+ 14

bound-free edges of Ca14p 3P3 ; , at 2927.7 A (level excitation
energy of 1.879 eV), 2932.1 A (1.886 eV), and 2941.3 A (1.899
eV). Once again, the depth-independent PCS with the CRD
length at 8 Doppler widths reproduces this line with £ = 3 km
s~ 1. The comparison displayed in Figure 8 represents a calcu-
lation made with the same ¢ and xcp for Mg 1 as assumed
for the Mg 11 lines of Figure 6. We found it impossible to get the
self-absorption part of the profile narrow enough with the
large microturbulent velocity needed for the C 1] lines. The
synthetic profile is still broader than the observations, but this
comparison suggests the Mg 1 emission also suffers from
overlying absorption on both the red (~2853.0 A) and blue
(~2851.25 A) sides of the profile. If these dips are truly due to
overlying absorption, the 42853.0 feature corresponds to the

location of the Na 1 resonance lines at 2852.828 A and 2853.031
A. The 12851.25 feature has no suitable neutral metal line that
is coincident, assuming that the circumstellar environment is
static with respect to the photosphere. The nearest reasonable
candidate is Co 1 (UV2) at 2850.947 A. Once again we remind
the reader that the spectrum is noisy in this region and one
should not place too much weight on these dips in the Mg 1
emission.

We also compared the observed semiforbidden Al 11] line at
2669.2 A to the synthetic profile. This line is also formed at the
same depth at the C 11], Mg 1, and Mg 11 lines discussed above.
The calculations with a constant microturbulent velocity of 3
km s~ ! throughout the atmosphere once again produced a line
much narrower than the observations. The increased & in the
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F1G. 6—The Mg 1 k and h lines calculated for the final model (solid)
compared with the IUE observations (dashed). The theoretical curve has been
scaled to 18.0 mas and convolved with the IUE instrument profile. The calcu-
lations were performed under the assumption of depth-independent PCS with
a CRD length of 3 Doppler widths and an enhanced microturbulent velocity at
the depth of formation of these emission features.

lower chromosphere used for the profiles in Figures 68 repro-
duce this feature more closely, as was the case for the C 11]
intersystem lines. This line, like the C 1] lines, had to be scaled
such that the model has an angular diameter of 4.1 mas (i.e., it
is too bright in the model). In these comparisons, we have
ignored absorption by interstellar dust, whose opacity peaks
near 2200 A. Should interstellar reddening be significant for
this star, it would help contribute to the flux differences seen
between the Al i} and C 1] synthetic lines and the observed
spectrum. Finally, these results may indicate that the abun-
dance of aluminum in g Her may be lower than in the Sun.

We now make comparisons of the synthetic spectra of this
model to ground-based observations made with the McMath
telescope. Since the McMath stellar CCD has a great enough
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Flux (107" erg/s/cmz/A)
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2

Wavelength (A)

Fi1G. 7—The C 1] UV0.01 multiplet as calculated for the final model T10
(solid) is compared with the IUE observations (dashed). The synthetic flux is
scaled to 7.0 mas and convolved with a Gaussian of 0.13 A. The synthetic
profiles presented here are calculated with an enhanced microturbulence veloc-
ity as described in the text.

Wavelength (A)

FiG. 8.—The calculated Mg 1 12852 line profile (solid) compared with the
IUE observations (dashed). For this comparison, the model is scaled to an
angular diameter of 20.0 mas and convolved with a Gaussian of 0.18 A. The
depth-independent PCS approximation is used for the redistribution function
with the CRD length at 3 Doppler widths. The same microturbulent velocity is
used here as in Fig. 6.

dynamic range to record both the line core and the photos-
pheric line wings, and the star is brighter in the visual and
near-infrared than in the ultraviolet, bound-bound opacities
from other metals can clearly be seen in the wings of the strong
resonance transitions in these spectral regions. The technique
used to include “supplemental ” bound-bound opacities into
PANDORA has been described by Avrett et al. (1986). The
scattering albedo «, as described by these authors, has been
modified so that it is determined analytically by

o= 1
T14x’

™

where x is a function of wavelength A (in angstroms) and elec-
tron density n, (in cm ~3) as described by Anderson (1989):

n, 2\
¥ =107 x 10 (5000) ' ®

Since our model typically has electron densities less than 104
cm ™3, « is near unity throughout most of the model (ie.,
photons are nearly all scattered in the lines, few are absorbed).
Note that the opacity “look-up™ table has rather a coarse
wavelength grid, so detailed high-resolution comparisons are
not possible. The background-line opacity for the wavelength
points in the NLTE line profiles are interpolated from the two
closest opacity reference wavelengths in the look-up table.
Figure 9 shows a comparison between the Ca 1 synthetic reson-
ance line at 44227 to the observations. Since the uncertainty in
the absolute flux calibration of the ground-based observations
range between 10% and 25%, we do not scale the model to a
given angular diameter but scale the flux to achieve the best fit.
From the comparison in Figure 9, the red side of the Ca 1 line
wing (AA > 5 A) fits rather well to the observed flux. Since
S, = B, at the formation depths (m > 88 g cm~2) for these
wavelengths and the CRD fluxes match the PRD fluxes in this
region of the profile, we claim that the photospheric portion of
our model is somewhat representative of g Her. Note that the
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F1G. 9—The Ca 1 14227 profile of the final model T10 (solid) compared
with the McMath observations. For this comparison, the synthetic flux is
scaled to achieve the best fit (see text) to the observations and convolved with
an instrument profile of 0.20 A. The “strange ” shape to the wings of the line
profile is due to the inclusion of supplemental bound-bound opacities from the
Kurucz opacity look-up tables and the coarseness in frequency-space of this
look-up table.
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core of the line is formed in the lower chromosphere but does
not display any chromospheric emission due to the collisional
rates being too small compared to the photoionization rates
for this transition.

We next compare the synthetic profiles of Ca 1 to the
ground-based McMath observations. The “chromospheric”
emission features of H and K, which are very prominent in
warmer M giants, are very weak in g Her and take on more of
the appearance of a “plateau” instead of “emission bumps.”
We first assumed a depth-dependent xgp for PCS as done
initially for Mg 1. For the test runs with ¢ = 3 km s~ at all
depths, substantial emission resulted in the core of the Ca 1 H
and K lines (see Table 2), and the Ca 11 IRT lines were much
narrower than the observations. The level of formation for the
peak flux in the Ca 11 resonance lines is just below the depth at
which Mg 11 k and k form (m = 5.9 x 102 g cm™2), while the
infrared triplet cores (A4 = 0.2 A) form throughout the lower
chromosphere from 20 x 1073 <m<59x 1072 g cm™2
The narrow Ca 11 IRT features are consistent with the devi-
ations between the synthetic spectra and the C 1] and Al 1]
observations, which again suggests the microturbulent velocity
is enhanced in the lower chromosphere to values greater than
the sound speed. We next calculated these line profiles for
model T10 with the enhanced microturbulent velocity in the
lower chromosphere. These calculations produced broader
Ca 11 IRT lines which more closely reproduce the observations.

The increased microturbulent velocity at the H and K “core”’

depths, leads to weaker, broader emission due to core photons
being able to migrate farther out into the wings and due to a
broadening of the central self-reversal. Figures 10 and 11 show
these Ca 1 H and K and the Ca 1 infrared triplet (IRT) syn-
thetic profiles in comparison with the McMath observations,
respectively. The Ca 11 H line has essentially no emission peak
compared to the K line; the H line emission takes on the
appearance of a “plateau” like the observations. This results
from the factor of 2 difference between the opacity of these two
effectively thin lines—these lines are formed in the steep tem-
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F1G. 10—The Ca u H and K profiles of the final model (solid) compared
with the McMath observations (dashed). The profiles were calculated with the
depth-dependent PCS approximation, the flux scaled to achieve the best fit,
and convolved with a 0.11 A FWHM Gaussian which is representative of the
McMath’s instrument profile for this observation. We display the profiles
without the inclusion of the Kurucz background bound-bound opacities in the
emergent flux calculation to show the effect line blanketing has on the line
wings and continuum in this region of the spectrum.

perature gradient regime of the lower chromosphere and the
contribution function of the H line samples a larger percentage
of lower temperature depths than the K line. The K line syn-
thetic profile has significant emission which is not seen in the
observations. Could this emission be obscured by circumstellar
absorption? A strong Ti 1 line resides at 3934.228 A which
could account for a depressed flux on the red side of the Ca n K
line core. No significant neutral metal lines reside on the blue
side; however, the self-reversal is shifted slightly blueward from
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F1G. 11.—Two of the Ca 1 infrared triplet synthetic profiles (solid) com-
pared with the McMath observations (dashed). The synthetic flux is calculated
with the inclusion of the background Kurucz line opacities and is scaled to
achieve the best fit with the observations and convolved with a 0.51 A FWHM
Gaussian. Although the cores of these lines are formed in the lower chromo-
sphere, they are pure absorption features and compare well with the observa-
tions. The microturbulent velocity profile of Fig. 6 is used here and is required
to match the width of the observed lines.
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the onset of the stellar wind and may obliterate much of the
emission on this side of the line. We note here that the T5
chromosphere has a weaker K emission feature than the T10
model due to a slightly lower temperature at its formation
depth. Model T5 however produces a slightly weaker Ha
feature as compared to T10, which does not match the obser-
vations as well (see below).

Finally we model the Ha line of g Her and display it in
Figure 12 along with the McMath observation of this spectral
region. This observation also includes the strong Ca 1 line at
6573 A. This Ca 1 line is formed solely in the photosphere (line
center depth of formation at 0.56 g cm ~2) and the ratio of the
depth of this absorption line to the depth of the Ha line can be
used as a measure of the validity of the chromospheric model
(see Table 2). The Hu line core is formed at 2.1 x 1072 g cm ™2
at u=1and 52 x 1073 gcm ™2 at u = 0.3—the depth of for-
mation of most of the Mg 11 4 and k emission. We should point
out here that for hydrogen calculations in a “pure” photo-
spheric model with an effective temperature and surface
gravity representative of g Her, the Ha profile is so weak that it
would not be seen among the strong TiO lines in the region
(see Luttermoser & Johnson 1992). The fact that we see this
line in the spectrum of g Her indicates that it is chromospheric
in nature. Also mentioned by Luttermoser & Johnson (1992)
was the fact that PRD in the Lya line has a significant impact
of the strength of the Ha line for this model. Partial redistri-
bution in Ly enhances the number density of the first excited
state over CRD calculations in the lower chromosphere,
enough for the Ha line to form there. We note here that the
T10 model (with Ly in PRD) ratio of the line center fluxes
between Ca 1 and Ho, F (Ca 1)/F (Ha), is ~0.72, whereas the
observations give 1.12. This may suggest that the chromo-
sphere should be hotter at the depth of formation of this
feature. This would influence the other chromospheric indica-
tors greatly and make the fits worse. A more likely explanation
to the discrepancy between the Ha line and the Ca 1 16573 line
is the PCS assumption used the PRD calculations of Lya. An
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FIG. 12—A comparison between the NLTE synthetic profiles of Ha and
Ca 1 46573 (solid) and the observed spectrum of g Her (dashed) in this region.
Note that the coarse grid of background bound-bound opacities from various
atomic and molecular species have been included in the flux calculations. The
Ca 1 feature is purely photospheric while the Ho feature is formed in the
chromosphere. The ratio of the line center fluxes of these lines hence indicates
chromospheric activity in this star.

CHROMOSPHERIC STRUCTURE OF g HER 361

exact calculation of the R, redistribution function (e.g., see
Gayley 1992) may give rise to a closer fit between these two
absorption lines in our model.

4. DISCUSSION

Because of discrepancies among the results for C 1], Mg 1,
and Ha, we have been unable to fit even the best available
chromospheric diagnostics with a single plane-parallel, hydro-
static, homogeneous classical chromospheric model. These dis-
crepancies had the following form: In order to get the electron
density high enough with a traditional model, the lines must
form at such high mass column density that Hx becomes much
too strong, some photospheric lines develop unobserved emis-
sion cores, and the wings of Mg 11 h and k become much too
broad. Other discrepancies include the ratios of emission lines.
While C 1], Al 1], Mg 11, and Mg 1 are formed in roughly the
same part of the chromosphere, the emission portion of the
Mg 1 and Mg 1 features form over a range from
47x107*<m<59%x10"% g cm™2? and 35x 1076 <
m < 27 g cm ™2, respectively. Indeed, the peak flux of the Mg 1
and Mg 11 line originate from the same depth (m = 2.1 x 10~2
g cm ™ ?) as the formation depths of the C 1] and Al 11] emission
lines and the core of Ho.. This coincidence arises quite naturally
in this one-dimensional, hydrostatic modeling, for we need to
find a temperature rise to produce both Mg i1 and Mg 1 emis-
sion. If we raise the temperature too far out, the density is too
low for Mg 1 to have sufficient opacity for emission features to
form at the typical chromospheric temperatures (i.e., 5000—
7000 K), whereas Mg 11 still possesses sufficient opacity, due to
its slightly higher number density at these temperatures as
compared to Mg 1, to produce emission. We cannot start the
temperature rise too deep since observed “photospheric”
absorption lines (i.e., Mg 1 14571) go into emission. Due to
these constraints, the temperature rise must begin around
m = 0.1-0.3 g cm ~? and increase dramatically to temperatures
between 5000 and 7000 K at around 0.02 g cm ~ 2. Such a sharp
temperature rise suggests that a shock structure may exist in
this region of the atmosphere.

4.1. Electron Densities

The observed C 11] line ratios indicate the electron density
should be increased in our model by an order of magnitude.
The hydrogen density is quite low at the formation depth of
these lines, and one would have to increase the temperature at
this depth to well over 10,000 K to produce the observed
ratios. This, of course, would produce enormous Balmer emis-
sion lines (as seen in Mira variable stars) which have not been
seen in this star. This discrepancy can also be remedied by
moving the chromosphere in to lower depths, but then one
runs into the problems mentioned above. There is the possi-
bility that the C 1] ratios are unrepresentative of this star
because of noise in the IUE spectra near 2325 A (GHRS obser-
vations of these very cool giants would be invaluable), but the
appearance of this multiplet here is very similar to that in the
M5 III star 2 Cen (Eaton & Johnson 1988), the only other M
giant this cool observed in the C 1] lines. At the formation
depth of the C 11] lines and the peak flux of the Mg 1 lines, H 1
contributes 64.0% of the electrons followed by O 1(20.6%), C 1
(8.5%), Ne 1(1.1%), and N 1(1.0%). Both hydrogen and carbon
are handled in NLTE, while the rest are in LTE. Carbon is
96.8% ionized at this depth and n,/n¥* ~ 1, indicating that we
cannot increase the electron density at these depths with
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carbon. Hydrogen is 64% ionized at this region and is severely
underionized with respect to LTE (~3 orders of magnitude).
Luttermoser & Johnson (1992) have shown that the Lyman
lines act as a drain in the chromosphere of late-type giants and
that PRD gives the same level/ion densities as CRD at these
depths. Hence, we cannot enhance the electron density at this
region of the atmosphere from a better treatment of hydrogen
(i.e., including more levels will slightly enhance the Lyman-line
drain). One might expect oxygen to have similar ionization
properties as hydrogen, since it has nearly the same ionization
potential and has strong UV resonance lines. Radiative trans-
fer in the oxygen atom is very complicated however. Field &
Steigman (1971) have shown that the charge-exchange reaction
rate O + H* <+ O* + H can dominate the ionization equi-
librium of oxygen in low-density environments. This charge-
exchange reaction for our model in the Mg 11 emission region
would give n(O*)/n(O)~ 9/8n(H*)/n(H—oxygen under-
ionized with respect to LTE which would substantially reduce
the electron density. Haisch et al. (1977), however, have shown
the importance of the LyS-pumped fluorescence mechanism to
the excitation of the 1302-1306 A resonance lines of the O 1
atom. The 3P,—3D excitation at 1025.77 A via Lyg photons,
followed by an immediate ionization out of the 3D state from
the intense far-IR photospheric radiation field of this star,
might give rise to an overionization of O 1 with respect to LTE.
Such a mechanism could enhance the electron density in the
lower chromosphere and rectify the C 1] line ratio problem;
however, Carlsson & Judge (1993) have determined that this
scenario will not work. Unfortunately, we cannot further test
this mechanism since such a calculation involving fluorescence
is currently not possible with PANDORA. The likely explana-
tion to the electron density discrepancy probably involves our
omission of hydrodynamic processes, which will enhance the
gas density at these depths, and possible inhomogeneities in
the atmospheric structure (see Ayres 1990; Jorgensen &
Johnson 1991; and Wiedemann & Ayres 1991). Finally, an
increase in the surface gravity by an order of magnitude would
help to rectify this problem.

42. CanHand K

The chromospheric emission features in the Ca 1 H and K
line cores of g Her (and most cool giant stars) are observed to
be too weak relative to Mg 11 h and k. From this study, we can
identify several reasons for this inconsistency. (1) The thermali-
zation of photons scattering in the line wings is dominated by
collisional de-excitation (i.e., depth-dependent PCS) instead of
continuum processes (i.e., depth-independent PCS) as was the
case for the Mg 11 lines. This results in the Ca 11 chromospheric
emission flux being weaker and broader than would be the case
for depth-independent PCS. (2) The enhanced mircoturbulent
velocity in the lower chromosphere further broadens the Ca 1
emission, depressing the peak flux further. (3) Boesgaard &
Hagen (1979) have also suggested that the weakness could
further be the result of increased attenuation in a wind that
absorbs over the entire range of velocity of the Ca 11 emission
features. We do not place too much weight on this suggestion,
since it is difficult to understand why a large velocity gradient
presents itself in the formation region of the Ca 11 cores (i.e., the
H; and K; features) and is not evident in the Mg 1 line cores
which are formed slightly higher in the atmosphere. Instead,
we simply claim that the chromospheric velocity field shifts the
K; and Hj features slightly blueward to help hide some of the
chromospheric emission. (4) We also need to rely on overlying
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absorption from netural metals to explain the weakness of the
features.

4.3. Inhomogenieties or Hydrodynamic Shocks?

Based upon the inconsistencies between the synthetic and
observed spectra for g Her, we have developed two scenarios:
(1) geometric inhomogeneities in the chromosphere; and (2)
hydrodynamic processes giving rise to shock structures within
the atmosphere. To test the inhomogeneity question, we have
taken model T10 to represent our best model to fit the strong
resonance lines with the observations and model T7 to rep-
resent our best model for the optically thin transitions. For our
argument here, we assume that g Her has an angular diameter
of 28.0 mas (based upon the low-dispersion IUE spectrum),
and we ignore ISM absorption and limb darkening (or
brightening). To fit the Mg 11 h and k lines in model T10, an
angular diameter of 17.5 mas was required. This gives a filling
factor 0.63 for the Mg 11 emission region. To fit the C 1] lines
from model T7, an angular diameter of 0.35 mas was needed,
giving a filling factor of 0.013. In both models, much of the
Mg 11 emission comes from the same depth as the C 1] emis-
sion. Scaling in the filling factors with the integrated fluxes of
Table 2, 83% of the C 11] comes from an area of the stellar disk
with a temperature structure similar to T7, while 17% comes
from an area similar to the temperature structure of T10. As a
result, the emergent flux would be dominated by the T7 model
region (i.e., no inconsistencies). Meanwhile, 86% of the Mg 11
flux comes from the T7 model region and 14% from the T10
model region. Once again the emergent flux from the T7 model
region would dominate which leads us to an inconsistency,
since the emergent Mg 11 lines look like the T10 model, not the
T7 model. As a result, large-scale inhomogeneities in the
chromospheric structure cannot be invoked to explain the
inconsistencies between the Mg 11 profiles and the C 1] line flux
ratios.

Since inhomogeneities do not seem to be the answer, the
assumption of hydrostatic equilibrium in these late-type atmo-
spheres must be examined—do dynamical processes dominate
the atmospheric structure? Subjecting chromospheric models
to the equation of continuity with inferred values of mass loss
and observed values of outflow velocity leads to the conclusion
that some agent is needed to puff out the chromosphere in
carbon stars (Johnson 1991). Recent dynamic models of late-
type pulsating giant stars (i.e., Miras) have shown that long-
period waves set up by the pulsations turn into shocks as the
waves propagate down the density gradient of the atmosphere
(Bowen 1988; Fleischer, Gauger, & Sedlmayr 1992). These
shocks greatly extend the atmosphere and enhance the gas
density many orders of magnitude above the hydrostatic equi-
librium result. Bowen has shown that a typical nondusty
models produces a region of enhanced temperature, extending
typically from 2 to 5 R,,, which persists throughout the pulsa-
tional cycle and resembles a typical static chromosphere. Lut-
termoser et al. (1993) have shown that the existence of these
hydrodynamic chromospheres in shocked atmospheres give
rise to the peculiar maximum light phase shift (0.3-0.5)
between the hydrogen Balmer lines and the Mg 11 h and k lines
seen in Miras. Perhaps such a shocked chromosphere could
help explain the discrepancy between the Mg 11 and C 1] lines.
The semiregular variable g Her is not a Mira star, however,
and Balmer emission lines have not been seen. If g Her is
weakly pulsating and these pulsations give rise to multiple
shocks in the atmosphere, the shocks must never get above
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~ 5000 K in temperature and must not appear until the acous-
tic waves reach a column mass of less than ~1 g cm ™2 in order
to keep the Mg 1 and Mg 1 flux ratios close to the observed
values and prevent the Balmer lines from becoming emission
features. We do not attempt to carry out hydrodynamic calcu-
lations or to carry out radiative transfer calculations based
upon such models in this paper. Such work is now being
undertaken.

4.4. Circumstellar Environment

Late-type giant stars earlier than M5 show substantial winds
in the Mg 11 and Ca 11 resonance line profiles (see Boesgaard &
Hagen 1979; Stencel & Mullan 1980; Eaton & Johnson 1988).
This star is known to be losing mass at a rate of ~2 x 10~
Mg yr~! from the CO J = 2-1 transition (Wannier & Sahai
1986). Also, giant stars with spectral types M5 and later typi-
cally display severe overlying absorption from neutral metals
in the profiles of these lines (Eriksson et al. 1986; Eaton &
Johnson 1988) which makes it difficult to detect the wind
absorption component of the line. Indeed, Luttermoser et al.
(1989) assumed that the emission wing on the shortward side of
the Mg 11 h line was uncorrupted by such overlying absorption
in order to deduce the chromospheric model and velocity
profile of the gas for TX Psc. The profiles of g Her also show
this overlying absorption. The high-resolution spectra of the
optically thin C 1] profiles are uncorrupted by overlying
absorption, and we can use these lines to deduce the macro-
scopic velocity field. As was found by Luttermoser et al. (1989)
in the chromospheric model of TX Psc, the C 1] lines are
formed in roughly the same atmospheric region as the emission
features of the Mg 11 lines in the final model. The C 11] lines in
g Her are found at the same radial velocity as the photospheric
lines (ie., 3 km s~ '), which indicates that no appreciable
macroscopic flows exist in the lower chromosphere for the
model (in contrast to the situation deduced for TX Psc). These
C 1] lines, unfortunately, tell us nothing about the flow farther
out; however, the Mg 11 and Ca 1 line cores suggest a slight
wind component may exist. By examining the depth of forma-
tion of these “ wind ” features, we see that the stellar wind must
commence near a column mass of 107° g cm™2— ~ 5 x 10’
km (0.1 R, ) above the depth of formation of the peak of the Mg
11 emission (i.e., 7 x 107 km, or 0.16 R, above the continuum
formation depth at 5000 A) with a velocity of approximately 10
km s~!. We also take the obscuration of circumstellar lines of
Mn 1, Fe 1, and other neutral elements into effect by convolving
a Gaussian profile for these lines into the Mg 11 profiles. We
calculated the attenuation by these features with a slab-model
approximation for an assumed cool circumstellar shell (CS)
that lies at least 0.2 R, above the photosphere (i.e., above the
depth of formation of the Mg 11 emission features). Table 5
identifies the CS lines used in this calculation. The emergent
flux of this slab model is simply calculated from the attenu-
ation of the chromospheric flux in the slab via

ch=F*e_tcs’ , (9)
where
To = 8.85 x 107N, f;; ;A2 , (10
Nu 9i _pur
L= —_ v i ex 1
Ni=25508 4, ¢ ’ (1)
I e L Wi T (12)
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TABLE 5
CIRCUMSTELLAR ABSORPTION LINES
Line ID Aoie A) logg.f;  Ei(eV)
Fer........co...... 2793.865 -1.0 2.50
Fe1(UV46) ....... 2794.700 —24 0.95
Mnr(UVY)....... 2794.817 +0.5 0.00
Fe1(UV3) ........ 2795.006 -22 0.00
Fe1(UV44) ....... 2795.540 —-1.7 091
Cri.cooiiiinnnnn. 2795.703 -21 2.54
Crl.covviiinnnnn 2795919 —-1.5 2.54
Cri..ccooevninnnnn. 2795.939 —24 2.51
Mni(UV]) ....... 2801.084 +0.5 0.00
Fer(UV3) ........ 2803.169 -32 0.05
Fe1(UV44) ....... 2804.521 —0.6 091

and f;; is the oscillator strength of the transition, which were
taken from Kurucz & Petrymann (1975); 4, is the central wave-
length of the transition in angstroms, Doppler-shifted to the
radial velocity of the shell with respect to the photosphere; a is
the abundance of the element; Ny is the hydrogen column
density of the shell (hydrogen abundance is assumed to be
solar—0.908); g is the statistical weight (“o0” denotes ground
state), where we assume the partition function U = g,; E; is the
energy level of the lower state of the transition; T, is the
excitation temperature of the ith state; finally ., = 1,((vcs)/c),
where (v,,> is the velocity dispersion of the Gaussian profile.
The CS lines are calculated under the assumption solar abun-
dance (Anders & Grevesse 1989). Initially, we needed a hydro-
gen column density of 1.5 x 1022 cm~2 in order to get a
reasonable fit on the shortward side of the k line and to see at
least some absorption on the longward side of the h line from
overlying absorption. For this large of a value, the CS shell
would extend into the lower chromosphere of our classical
models (m ~ 2 x 10°2 g cm ™~ 2), near the formation depth of
the Mg 11 emission. However, this value is similar to the cir-
cumstellar column density overlying the Mg 11 lines in N-type
carbon star TX Psc as deduced by Eriksson et al. (1986).

We next checked the effect of various input parameters used
in the CS attenuation. We scaled the abundance of Fe 1 from
the solar value of 3.89 x 107° to 7.59 x 10~ 5, which rep-
resents the upper limit of the uncertainty of the iron abundance
in g Her deduced by Smith & Lambert (1985). This had a slight
impact on the appearance of the CS features. It has been sug-
gested by Phillips (1979) that the oscillator strengths calculated
by Kurucz & Petrymann (1975) for intercombination lines may
well be several orders of magnitude too small. As a result, we
increased the oscillator strength of the Fe 1 UV3 transitions by
a factor of 10 with respect to the Kurucz & Petrymann values;
these new values are tabulated in Table 5. Figure 13 represents
the results of these modifications. The CS absorption in this
figure has a hydrogen column density of 3 x 102° cm ™2 The
overlying lines are relatively insensitive to the excitation tem-
perature, from an assumed shell temperature of 1000 K to the
radiation temperature of the Mg 11 emission of 3200 K. We

- needed a rather large velocity dispersion of 18 km s~ for the

CS lines, infalling at 5 km s~ ! with respect to the frame of the
stellar photosphere. The CS absorption that overlies the long-
ward side of the Mg 11 k line is not reproduced as well as the
shortward side of the k line. This may suggest that the oscil-
lator strength of the Fe 1 line at 2803.2 Af is larger than the
value quoted in Table 5.

Our final column density of 3 x 10?° cm ™2 extends into our
classical model chromosphere T10 as well, but lies 1 x 107 km
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F1G. 13—The Mg 11 k and h lines including the effects of a macroscopic
velocity field are displayed along with the IUE observations (dashed). A com-
parison is also made between the emergent fluxes of these synthetic lines with
no CS absorption (thin solid) to that with absorption of a CS shell of hydrogen
column density 4 x 10*3 cm ™2 (thick solid). Note that the flux has been scaled
to an angular diameter of 17.5 mas to achieve the best fit.

(~0.03 R,) above the Mg 11 emission region. We remind the
reader that this CS modeling is crude at best, since it ignores
sphericity, possible inhomogeneities in the CS shell, scattering
and other NLTE effects.

Tsuji (1988) has made high-resolution infrared spectra of the
low-excitation lines of the CO first overtone band for g Her,
and deduced log Ngo = 1949, T,, = 1212 + 128 K, v,,4 =
—2.0 km s~ (ie,, infall), and ¢ > 3 km s~ *. For an assumed
temperature of 1000 K, the velocity dispersion used for our CS
Gaussian profiles indicates that width of the CS lines is almost
entirely due to microturbulence. The small infall velocity of 5
km s~ ! we deduced is consistent with the CO observations of
Tsuji (1988). We note here that we were also able to obtain a
good fit to the observed Mg 11 lines with linear (with respect to
height) macroscopic gas velocity profile, scaling from 5 km s !
at 02 g ecm™2 to 50 km s™! at 6.5x 1071% g cm 2. We
however chose the velocity profile in Figure 14 (which is still
consistent with the Mg 11 observations) to reflect the near-static
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F1G. 14.—The temperature structure of model T10 (solid), the macroscopic
(i.e., wind) velocity profile (dashed), and the microturbulent velocity profile
(dot-dashed) are displayed as a function of column mass. This plot corresponds
to the state of the model for the calculations displayed in Fig. 13.
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condition of our CS shell. Tsuji attributes the formation depth
of these lines to a quasi-static, turbulent transition zone
between the chromosphere and stellar wind. With the carbon
abundance of Smith & Lambert (1985), and if all the carbon is
in the form of CO, the hydrogen column density from Tsuji’s
measurements is log Ny = 23.1. Our value of 20.3 is much
lower than Tsuji’s value and may suggest that there are large
regions on the stellar disk that are cool at depths similar to the
depth of formation of the Mg 11 emission (once again, an inho-
mogeneous chromosphere).

To achieve a better fit in the absorption cores of the Mg 11
lines (i.e., the k; and h; features), we included an interstellar
component to the overlying absorption moving toward us at 7
km s~ ! with a velocity dispersion of 3 km s~ !. We used a Mg i1
ISM column density of 2.6 x 10'® cm 2. Using the empirical
relation of Bohlin, Savage, & Drake (1978), this corresponds to
reddening of E(B— V) = 0.13 assuming that most of the inter-
stellar magnesium is in the singly ionized state and at solar
abundance. The uncertainty of these ISM parameters are
rather high, since the chromospheric model at the formation
depth of the k; and h; features is uncertain, the observed spec-
trum is very noisy in these features, and our technique for
subtracting off the ISM (and CS) absorption is crude. The
column density can range anywhere between 1 and 6 x 10'¢
cm ™2 and still give a reasonable fit with our technique.

5. CONCLUSIONS

Luttermoser & Johnson (1992) have already described the
difficulties in carrying out NLTE calculations in cool, low-
density, stellar atmospheres and the techniques one must use
to converge a solution using the equivalent two-level
approach. Since one must attempt to fit as many chromospheric
indicators as one can access, many runs must be made for each
atom and ion handled in NLTE. We have obtained a large
number of observational constraints for g Her to carry out this
analysis and have found that semiempirical techniques involv-
ing “classical” models under the assumptions of one-
dimensional, homogeneous geometries in hydrostatic
equilibrium cannot reproduce all of the spectral features of this
star. We note here that we have begun to carry out preliminary
calculations of a g Her model with similar characteristics to
hydrodynamic models of Mira variables (i.e., a model with a
permanent chromosphere, or “calorisphere,” and outward
propagating shocks, see Bowen 1988). We will show in a sub-
sequent paper that many of the “chromospheric” spectral fea-
tures of this semiregular variable can be reproduced with such
amodel.

This suggests that future modeling of these late-type variable
stars, both the Miras and semiregulars, require atmospheric
modeling with dynamic processes (see Bowen 1988) and poss-
ibly inhomogeneous geometries (see Jorgensen & Johnson
1991) included in the calculations. Previous semiempirical
chromospheric models of late-type giants, based on a limited
set of spectral features (e.g., the model for TX Psc by Luttermo-
ser et al. 1989), are not true representations of the thermal
structure of these stellar atmospheres.

This investigation leads to the following conclusions. (1) The
chromospheric structure of semiregular, late-type giant stars
(g Her as the prototype) cannot be described by the classical,
one-component model in hydrostatic equilibrium. (2) Inconsis-
tencies between ultraviolet emission features and infrared CO
absorption suggest the outer atmosphere of these stars are
inhomogeneous. (3) Such inhomogeneities, however, cannot
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account for the difficulty in fitting both the C 1] intersystem
line ratios and the Mg 11 profiles—we suggest that hydrody-
namic processes (i.¢., shocks) may help resolve this problem. (4)
Thermalization in the Mg 11 h and k lines in cool giant stars is
controlled by continuum absorption and not collisional de-
excitation as is the case for warmer K giants. (5) The chromo-
spheric emission features (i.e., UV emission features) seen in
these stars are formed relatively close to the star (r < 0.05R,).
(6) The circumstellar environment includes a cool component
that resides above the chromosphere, which is relatively static
and very turbulent with a hydrogen column mass of
~3 x 102°cm ™2,
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